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ABSTRACT
Observations indicate that the dispersal of protoplanetary discs in star clusters occurs on time scales of about 5
Myr. Several processes are thought to be responsible for this disc dispersal. Here we compare two of these processes:
Dynamical encounters and interaction with the interstellar medium, which includes face-on accretion and ram pressure
stripping. We perform simulations of embedded star clusters with parameterisations for both processes to determine
the environment in which either of these processes is dominant. We find that face-on accretion, including ram pressure
stripping, is the dominant disc truncation process if the fraction of the total cluster mass in stars is . 30 % regardless of
the cluster mass and radius. Dynamical encounters require stellar densities & 104 pc−3 combined with a mass fraction
in stars of ≈ 90 % to become the dominant process. Our results show that during the embedded phase of the cluster,
the truncation of the discs is dominated by face-on accretion and dynamical encounters become dominant when the
intra-cluster gas has been expelled. As a result of face-on accretion, the protoplanetary discs become compact and their
surface density increases. In contrast, dynamical encounters lead to discs that are less massive and remain larger.
Key words. accretion, accretion discs -–protoplanetary discs — planetary systems: formation – stars: formation –
galaxies: star clusters: general

1. Introduction
The clustered environments in which stars are generally
born (Lada & Lada 2003) can have a severe impact on the
protoplanetary discs of their newborn members. The occurrence frequency of protoplanetary discs in young star
clusters is observed to decrease with an e-folding time scale
of the order of 5 Myr (Cloutier et al. 2014). Both internal
and external processes influence the dispersal of protoplanetary discs in dense star clusters. Internal processes, such
as depletion by accretion onto the central star (e.g. Hartmann et al. 1998) and subsequent photoevaporation by the
central star (e.g. Bally & Scoville 1982; Shu et al. 1993;
Clarke et al. 2001; Alexander et al. 2006a,b) are believed
to dissipate the discs on time scales . 10 Myr (Dullemond
et al. 2006; Williams & Cieza 2011).
Furthermore, observations indicate that external photoevaporation by nearby O stars can reduce the fraction
of stars that have a disc by a factor of two (e.g. Balog
et al. 2007; Guarcello et al. 2007, 2009; Fang et al. 2012,
2013), although these results can, in part, be explained
by sample incompleteness (Richert et al. 2015). Vicente &
Alves (2005) find no obvious correlation between disc sizes
and their proximity to OB stars in the Trapezium cluster.
The mass-loss rate from the outer edge of the protoplanetary disc due to external photoevaporation can be up to
10−8 −10−7 M /yr (Facchini et al. 2016). However, to truncate disc radii to values smaller than 100 AU within a time

scale of 10 Myr, ultraviolet fluxes that are at least an order of magnitude higher than typical values in a moderatesized cluster (N∗ = 300) are required (Adams 2010). Mann
& Williams (2010) showed that despite the hostile environment around the massive star θ1 Ori C, the discs in
the Orion Nebula cluster (ONC) have similar properties to
those observed in isolated low-mass star-forming regions.
In this work, we focus on embedded clusters, in which the
presence of the pristine gas is expected to absorb radiation
and reduce the effect of external photoevaporation.
Apart from (external) photoevaporation, the effects of
stellar fly-bys on protoplanetary discs have also been investigated (e.g. Clarke & Pringle 1993; Ostriker 1994; Heller
1995; Kobayashi & Ida 2001). Scally & Clarke (2001) modelled the ONC, using fixed disc radii of 10 and 100 AU,
and find that stellar encounters probably do not play a
significant role in the destruction of protoplanetary discs.
However, Olczak et al. (2006) also modelled the ONC and
their study suggests that up to 15 % of the discs may be
destroyed by stellar encounters. Moreover, Portegies Zwart
(2016) finds that the observed distribution of disc sizes in
the Orion Trapezium cluster can be reproduced by only considering truncation due to dynamical encounters, assuming
initial disc radii of 400 AU and an initial fractal distribution for the stars. Both hydrodynamical and gravitational
N -body studies show that truncation due to dynamical encounters is important in environments with stellar densities
> 103 pc−3 (Rosotti et al. 2014; Vincke et al. 2015). ObserArticle number, page 1 of 14

A&A proofs: manuscript no. 31072JN

vational studies also show that the observed size distribution of protoplanetary discs depends on the ambient stellar
density (de Juan Ovelar et al. 2012).
In recent studies, Wijnen et al. (2016, 2017) suggest
that the ambient gas in embedded star-forming regions can
also reduce the sizes of protoplanetary discs. On the one
hand, the ram pressure exerted by the interstellar medium
(ISM) can strip the outer parts of the protoplanetary disc.
On the other hand, the continuous accretion of ISM with
little to no azimuthal angular momentum with respect to
the disc material, which we call face-on accretion, causes
the disc to contract. Wijnen et al. (2017) provide a parameterisation for the evolution of the disc as a function of the
ambient gas density and relative velocity. Here we use this
parameterisation in N -body simulations with a static gas
potential and we compare its effect with that of dynamical
encounters. Vincke & Pfalzner (2016) find that disc truncation due to dynamical encounters is most effective in the
embedded phase of the cluster. We investigate in which part
of the parameter-space each of these two effects is expected
to determine the disc-size distribution. We also investigate
whether or not, and how, the two processes affect the disc
masses. To allow for a clear comparison, we do not take external photoevaporation into account. As discussed above,
this may be a fair assumption to first order.

2. Methods
Our simulations are carried out within the amuse framework (Portegies Zwart et al. 2013; Pelupessy et al. 2013)1 .
The amuse framework is written in python and provides
a user-friendly way to combine different astrophysical packages and software, for example N -body integrators and stellar evolution codes. Our setup is practically identical to the
setup used by Portegies Zwart (2016) to model the disc
size distribution as a result of dynamical encounters in the
Trapezium cluster. We perform N -body simulations of star
clusters in a static gas potential. Each star is given a parameterised disc and we follow the evolution of the radii and
masses of the discs under the influence of face-on accretion
and dynamical encounters using parameterisations for both
processes. Each of these two processes is considered independently in our simulations. Below, after summarising the
method used to resolve dynamical encounters, we describe
our implementation of the face-on accretion model of Wijnen et al. (2017) and the addition of a static gas potential.
We assume the surface density profile of the protoplanetary discs initially follows a power-law, Σ(r) = Σ0 (r/r0 )−n ,
with n = 1.5, corresponding to a minimum-mass solar nebula (Weidenschilling 1977; Hayashi 1981). This allows us
to set the inner radius of the disc to 0 AU, instead of a
value O(1-10 AU), without realising an unrealistic mass
distribution over the disc which would occur for n = 1. Following Portegies Zwart (2016), we assume the initial outer
radius of all protoplanetary discs is 400 AU and their mass
is equal to 10 % of the mass of their host star. We verify
that the discs satisfy the Toomre (1964) criterion for stability against self-gravity.
1
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2.1. Resolving dynamical encounters
We use the same method as described in Sects. 2.1 and 2.2
of Portegies Zwart (2016) to resolve dynamical encounters.
That is, when stars come within a certain encounter radius
(initially 0.02 parsec) from each other, the dynamical encounter is resolved by calculating the peri-centre distance,
rperi , with Kepler’s equation (using the kepler module from
the starlab package; Portegies Zwart et al. 2001). We cal0
culate the new disc radius, Rdisc
, for a star with mass M1
from the estimate found by Breslau et al. (2014) for coplanar, pro-grade and parabolic encounters2 :

0.32
M1
0
Rdisc = 0.28rperi
,
(1)
M2
with M2 being the mass of the other star. This parameterisation has been derived using test particles, that is, it does
not consider hydrodynamical forces. Previous work shows
that excluding pressure, self-gravity, and viscous effects in
simulations of discs in dynamical encounters provides results that are consistent with simulations that include these
effects (Pfalzner et al. 2005). Only for very close encounters,
0
Rdisc
. 0.2Rdisc (t = 0), should viscous forces be accounted
for. It is questionable whether or not a disc-like structure
survives after such a destructive encounter, in which even
stellar capture may occur (Muñoz et al. 2015). For disc
radii . 0.2Rdisc (t = 0), the parameterisation may no longer
be valid and such small radii must therefore be interpreted
with care.
The mass that is lost from the disc during the encounter
is calculated using:
∆M = Mdisc

0.5
00.5
Rdisc
− Rdisc
,
0.5
Rdisc

(2)

which follows from the assumption that all material beyond
0
Rdisc
is stripped. The disc of the other star accretes a fraction of the mass that is lost, which we compute as:
∆Macc,2 = ∆M

M2
.
M2 + M1

(3)

Eqs. 1, 2, and 3 are all applied symmetrically in a dynamical
encounter.
2.2. Parameterising face-on accretion
To parameterise face-on accretion of ambient gas onto protoplanetary discs, we use the theoretical model derived in
Wijnen et al. (2017), which has been shown to adequately
describe the evolution of the radius, mass, and surface density profile of the disc. This model is an extension of the thin
accretion disc theory, assuming that the mass flux onto the
disc is uniform over the surface area of the disc and completely accreted by each surface element. In this model,
the disc is considered as consisting of concentric rings. The
accretion of ISM with no azimuthal angular momentum decreases the specific angular momentum of each ring, which
2
Recently, Bhandare et al. (2016) derived a parameterisation
by averaging over all inclinations. Their parameterisation is
less restrictive because coplanar, pro-grade encounters have the
strongest effect on the disc. We choose the most restrictive prescription to model the strongest influence dynamical encounters
can have on protoplanetary discs.
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then contracts to a smaller radius that corresponds to its
new specific angular momentum. The differential equations
for the radial drift velocity and for the surface density of
the disc then obtain an extra ISM accretion term with respect to the thin accretion disc theory. When viscous effects
are neglected, these differential equations can be simplified
to a scale-free theoretical model. This model depends on
a dimensionless parameter τ , which is proportional to the
time-integrated mass flux and is defined as:
Z t
5
τ=
ρ(t0 )v(t0 ) cos i(t0 ) dt0 ,
(4)
Σ0 (r0 ) 0
where Σ0 (r0 ) is the initial surface density of the disc at an
arbitrary but fixed scaling radius r0 . The mass flux onto the
disc is determined by the density of the ambient medium ρ
and velocity relative to this medium v. The factor cos i(t),
where i is the inclination between the angular momentum
vector of the disc and the flow direction of the ISM, accounts for the situation in which the disc is not aligned
perpendicular to the mass flux. Assuming an initial surface
density profile, Σ0 (r/r0 )−n , the surface density of the disc
at any moment in time is then given by:
" 
#
−n
r
Σ(r, τ ) = Σ0
+τ .
(5)
r0
Using the parameter τ , the differential equation for any
radius within the disc, r(t), can be expressed in terms of a
dimensionless radius y(τ ) via r(t) = y(τ )r0 . The differential
equation for y(τ ) can be written as (Eq. 16 from Wijnen
et al. 2017):
2
y
dy
=−
.
dτ
5 y −n + τ

(6)

We calculate the solution to Eq. 6 for an initial value y0 = 1
and call it Y1 (τ ). The evolution of any other annulus in the
disc with initial value y0 = r(0)/r0 can then be derived
from:
y(τ ) = y0 Y1 (y0 n τ ),

(7)

where we have taken advantage of the self-similarity of the
solutions. Rather than integrating Eq. 6 for every arbitrary
starting radius y0 , we obtain its evolution from Y1 (τ ) using Eq. 7. In our simulations, we follow the evolution of
the outer radius of each disc, Rdisc (t), via its dimensionless
equivalent ydisc (τ ). For each disc, the evolution of ydisc (τ )
is determined by its initial surface density Σ0 (r0 ) and its
time-integrated mass flux. The solutions to Eq. 7 therefore
describe the radius of any disc, at any time, via its individual parameter τ . In our simulations, the integration in Eq. 4
is replaced by a summation over all time steps. At each time
step we use the velocity of the star and the density at its
position. The time step we use is defined in Sect. 2.5.
The disc may also be truncated by the ram pressure,
Pram = ρv 2 , of the ambient medium. We compute the truncation radius, Rtr , by solving the equation derived in Sect.
2.1 of Wijnen et al. (2017) but modified to account for the
perpendicular velocity component of the flow:
2
Rtr
(t) =

GM∗ Σ(Rtr (t), τ )
.
2πρ(t)v 2 (t) cos i(t)

(8)

At every time step we check if the truncation radius is
smaller than the disc radius using the current parameters and solving for the radius with the Newton-Raphson
method. Namouni & Guzzo (2007) derived an exact solution
for the truncation radius for the purely dynamical problem,
in which a particle is ejected from its orbit by a constant
force. This solution differs by a factor of ≈ 2 in the denominator of Eq. 8. Neither solution takes the gas-dynamical
and viscous effects in the disc into account. We have verified
that Eq. 8 provides a better approximation of the results
in the hydrodynamical simulations of Wijnen et al. (2017)
and we therefore choose to use this approximation.
Let us suppose a disc is truncated due to ram pressure
stripping at a certain moment, ttr , corresponding to τ = τtr
via Eq. 4; after which its new radius is Rtr = ŷ(τtr )r0 . Then,
according to Eq. 7, we can write:
ŷ(τtr ) = ŷ0 Y1 (ŷ0n τtr ).

(9)

In order to compute its further evolution with Eq. 7, we
must solve Eq. 9 for the unknown new initial value ŷ0 . We
do this in the following manner: We define an inverse function, Xs (τ ), that for any τ returns the initial value y00 for
which y 0 (τ ) = s. We have calculated these initial values for
s = 1 by solving the differential Eq. 6 up to the moment
y 0 (τ ) = 1 for a large number of initial values y00 . This yields
unique pairs of τ and corresponding y00 values. These pairs
form an interpolation table, which is our function X1 (τ ).
We can rewrite Eq. 7 in terms of X1 (τ ) by replacing y(τ )
with y 0 (τ ) for which y 0 (τ ) = 1 and X1 (τ ) = y00 :
1 = X1 (τ )Y1 [X1 n (τ )τ ] ,

(10)

which is true for any τ . Using ŷ(τtr ) = Rtr /r0 , we can also
rewrite Eq. 9 to obtain:
1

ŷ0
Y1 (ŷ0n τtr )
ŷ(τtr )
r0
= ŷ0
Y1 (ŷ0n τtr )
Rtr
n 
n 
 
r0
r0
Rtr
n
= ŷ0
Y1 ŷ0
τtr
.
Rtr
Rtr
r0

=

(11)

Eqs. 10 and 11 can only be equal if X1 (τ ) = ŷ0 r0 /Rtr and
τ = τtr (Rtr /r0 )n . Therefore, after truncation, we can obtain
the new initial ŷ0 from the truncated disc radius Rtr and
τtr via:
n 
 
Rtr
Rtr
X1 τtr
.
(12)
ŷ0 =
r0
r0
Thus when ram pressure truncates the disc, we use Eq. 12
to calculate the new initial value y0 and then use Eq. 7 to
compute the further evolution of the disc radius. If the disc
is truncated by ram pressure stripping, we also assume all
material beyond the truncation radius is removed from the
disc as was done in Wijnen et al. (2017) in their comparison
with hydrodynamical simulations.
For face-on accretion, we calculate the mass of the disc
at any moment by integrating over the surface density profile (Eq. 5):


1
1 2
2−n
2
Mdisc (τ ) = 2πr0 Σ0
y
(τ ) + ydisc (τ )τ ,
(13)
2 − n disc
2
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(cf. Eq. 18 from Wijnen et al. 2017). We give the discs
a random orientation vector that represents the angular
momentum vector of the disc. At every time step, we calculate the absolute value of the dot product between this
orientation vector and the velocity vector to obtain cos i,
necessary in Eq. 4. We take the absolute value because it
does not matter whether the disc is rotating prograde or
retrograde. Wijnen et al. (2017b, submitted) have shown
that when the rotation axis of the disc is inclined with respect to the velocity vector, the two vectors tend to align
as the disc experiences a net torque from the flow (even if
the disc is initially symmetric). The mechanism that causes
the tilting of the disc is known but the dissipative processes
that determine the time scale of the process are not fully
understood. The time scale estimate derived by Wijnen et
al. (2017b) for this process suggests that a change in the
inclination generally takes at least 105 yr for the conditions
encountered in our simulations, except in the simulations
with the most dense initial conditions. Since this is much
longer than the crossing time of the cluster, we do not take
this tilt process into account.
The model described above is only valid if the accretion
of ISM is sufficiently rapid that viscous effects can be neglected; that is, τṁ < τν , where τṁ is the accretion time
scale and τν the viscous time scale (see Sect. A.2 of Wijnen
et al. 2017). This is valid as long as:


τν (Rdisc,0 )
τ.
τṁ (Rdisc,0 )

5/6

,

(14)

where Rdisc,0 = y0 r0 is the initial disc radius (to which the
disc was truncated in case of ram pressure stripping). We
define the accretion time scale as (cf. Eq. 8 in Wijnen et al.
2017):
τṁ (r) =

Σ(r)
Σ(r)t
=
.
5ρv cos i
Σ0 (r0 )τ

(15)

In the last equality, we have taken the time-averaged value
of ρv cos i, using Eq. 4, instead of the instantaneous value.
For the viscous time scale, we use Eq. 7 from Wijnen et al.
(2017), adopting the same viscosity parameter α = 0.01
and sound speed cs = 0.3 km/s as in that study. At the end
of each simulation we check whether every disc meets the
condition in Eq. 14, which is the case in all our simulations.
Over long time scales, the radius and mass of the disc
scale as simple power-law functions of τ (Wijnen et al.
−n
2017). For τ > ydisc
, the disc radius approaches Rdisc ∝
−2/5
τ
, as follows from Eq. 6. On the same time scale, the
mass of the disc is dominated by the second term inside the
brackets in Eq. 13 and Mdisc ∝ τ 1/5 . We use these relations
in the discussion of our results.
2.3. Gas density distribution
We assume the gas in the cluster follows a Plummer profile (Plummer 1911), which is characterised by a total mass
Mgas and a characteristic radius RPlummer . This distribution allows us to model the initial distribution of the stars
and gas consistently: the initial positions of the stars are
distributed following the same Plummer profile. A different
initial stellar distribution, for example a fractal distribution, cannot be combined with a consistent analytic (equilibrium) gas distribution. On the other hand, modelling the
Article number, page 4 of 14

gas with a hydrodynamics code makes the simulations computationally expensive and prevents us from exploring a
large parameter space. In this work we explore the regimes
in which the process of dynamical encounters and face-on
accretion are relevant. In future studies, specific parts of
the parameter space can be explored in more detail.
As in Portegies Zwart (2016) we simulate our simplified
star-forming region for 1 Myr, which is motivated by observations of the ONC. The mean stellar age of the ONC is
< 1 Myr and ≥ 80 % of the stars in the Trapezium cluster
have an inferred age less than 1 Myr (Prosser et al. 1994;
Hillenbrand 1997). Moreover, young clusters are observed
to be embedded during the first 1-3 Myr of their evolution
(Lada & Lada 2003; Portegies Zwart et al. 2010). A simulation time of 1 Myr allows us to keep the density distribution
time-independent, which reduces the integration error.
2.4. Initial stellar conditions
The stars are randomly drawn from a Kroupa (2001) initial
mass function between 0.01 and 100 M ; the mean mass
of this distribution is 0.4 M . The mass of the protoplanetary disc (0.1 M∗ ) is added to the mass of the star in the
N-body integrator, which is the fourth-order hermite Nbody code ph4 (McMillan, publicly available in amuse)
and for which we assume a time-step parameter η = 0.01
and a softening of 100 AU. The initial positions of the stars
are assigned according to a Plummer distribution that follows the gas distribution. This simplified assumption may
not be correct as studies have shown that the star formation efficiency increases with gas density (e.g. Burkert &
Hartmann 2013). This effect can be partly taken into account by comparing simulations with different fractions of
the total cluster mass in stars. We adopt four different values of this fraction, given in Sect. 2.6. The highest value of
≈ 90 % could represent either an extreme case of the aforementioned scaling of the star formation efficiency with gas
density or a star-forming region at the end of its embedded
phase. The cluster is set up without primordial mass segregation. The Plummer profile may underestimate both the
stellar and gas density in the centre of the cluster but we
show in the results section that as long as both are underestimated consistently our results still hold.
2.5. Coupling the N-body integrator to the gas potential
The N-body integrator and analytic potential are coupled
using the AMUSE Bridge integrator (Fujii et al. 2007;
Pelupessy et al. 2013), which uses Hamiltonian splitting
and a second order leapfrog integration scheme. We choose
a Bridge timep
step of Rplummer /100vesc , where we have assumed vesc = 2GMtot /Rplummer with Mtot the total cluster mass. This time step is small enough to ensure that the
amount of swept-up ISM in one time step never exceeds
0.01Mdisc . The energy conservation in the Bridge system
is better than a few parts in 105 , which is sufficient for a
reliable result (Portegies Zwart & Boekholt 2014).
2.6. Varying model parameters
Our simulations are defined by four parameters: The total
cluster mass, Mtot , the virial radius of the cluster Rcluster ,
within which 64 % of Mtot is contained and which is re-
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lated to the characteristic Plummer radius via Rcluster =
(16/3π)RPlummer , the number of stars, N∗ , and the virial
ratio Qvir , defined as Qvir = 0.5Ekin /Ekin,vir , where Ekin,vir
is the kinetic energy of the stellar component if the stars
are in virial equilibrium with the total cluster mass distribution. We checked that in case of virial equilibrium,
the radial distribution of the stars remains roughly constant during the simulation. For a given value of Mtot we
choose four fixed values for N∗ such that the fraction of
mass in stars (a proxy for the star formation efficiency) is
approximately 3, 10, 30 and 90 %. We calculate the total
stellar mass, Mstars , and the total gas mass is then given
by Mgas = Mtot − Mstars . The realisation of the initial stellar mass function determines Mstars and the remaining gas
mass therefore varies for a given N∗ . Each of these simulations is performed with a virial ratio of Qvir = 0.1, 0.5
and 1.0, representing subvirial, virial, and supervirial initial
conditions respectively. Moreover we perform each simulation ten times with a different random seed to reduce the
Poisson noise in the final results. We choose small cluster
radii such that our simulations can be considered as a local
substructure within a larger star-forming region. Our simulated clusters are on the dense end of what is generally
observed. In the results section it becomes clear that the
most important implications of our simulations can be easily extended to clusters that are less dense. We address this
in Discussion Sect. 4.6. The initial conditions are listed in
Table 1, which also provides labels for several simulations
that we discuss in detail. Two of our sets of initial conditions
correspond to the early and late evolution of the Trapezium cluster, respectively, and have been labelled according
to the assumed mass fraction in stars.

where the stellar density, and hence the number of encounters, is low. Since the distribution of disc radii resulting
from dynamical encounters is bi-modal, we choose to use
edisc , instead of the mean disc rathe median disc radius, R
dius, as a characteristic of the distribution. This provides a
better indicator for the influence of dynamical encounters
when few discs experience truncation due to a fly-by. For
face-on accretion, only a small fraction of the stars - less
than 6 % in the IM simulations discussed in this section have a disc radius larger than 380 AU. This fraction does
not depend on the number of stars in these simulations.
The stars with radii ≥ 380 AU reside at large distances
from the cluster centre, where not only the stellar density
but also the ambient gas density and velocities are low.
Fig. 1b shows the standard deviation of the distributions
as a function of their median radius. It shows that for each
process the standard deviation does not depend strongly
on the number of stars. The standard deviation is larger
for dynamical encounters due to the skewed distribution of
truncated discs. The median disc radius for face-on accretion varies strongly between the ten IM simulations with
N∗ = 2045. The large number of stars drawn from the initial mass function in these simulations leads to large fluctuations in the resulting gas density. We discuss this in the
following section.
Based on the results illustrated by Figs. 1a and 1b, we
conclude that the median disc radius is a good indicator
for the effect of each process on the disc-size distribution.
For dynamical encounters, the median disc radius does not
depend on the initial disc radii, that is, the tail of the distribution. We therefore use the median disc radius in the
remainder of this work to quantify the effects of the two
processes.

3. Results
When we refer to the disc radius and disc mass resulting
from face-on accretion, we mean the combined effect of faceon accretion and ram pressure stripping.
3.1. Disc radii
In Sects. 3.1.1 and 3.1.2 we discuss the results for the disc
radius in the set of IM simulations in detail. The simulation
with N∗ = 680 and an approximate mass fraction in stars
of 30 % can be considered representative for the early evolution of the Trapezium cluster (Lada & Lada 2003) and
we therefore label it Trap30. All four simulations have a
stellar density & 103 pc−3 meaning that truncation due to
dynamical encounters should be relevant.
3.1.1. Characterising the disc radius distribution
Because we compare the effect of dynamical encounters and
face-on accretion for a large parameter space of initial conditions, it is convenient to characterise the resulting disc
radius distribution by, preferably, one value. In Fig. 1a we
show the distribution of disc radii for the Trap30 simulations. For dynamical encounters the distribution is bimodal, because the process is stochastic and 20 % of the
stars have not experienced a fly-by that was close enough
for truncation. This fraction increases to 56 % in the IM
simulation with N∗ = 70. The stars that do not experience
a dynamical encounter reside in the outskirts of the cluster,

3.1.2. Comparing stellar mass fractions
Because the total cluster mass is set, the main difference
between simulations with the same initial conditions but
different stellar mass fractions is the amount of mass in gas
and in stars. The velocity dispersion of the stars isa determined by the total cluster mass and it is therefore practically the same for the IM simulations discussed in this section. Furthermore, the distribution of stars throughout the
cluster also remains roughly the same because we assumed
the initial cluster to be in virial equilibrium. The discriminating parameters between the simulations with different
numbers of stars are the gas and stellar density. We therefore plot the mean disc radius versus these two quantities in
Figs. 2a and 2b, respectively. We determine the stellar density by counting all stars within the cluster radius of 0.25 pc
at the end of the simulation and calculate the average gas
density within the cluster radius analytically. By definition,
the gas density decreases as the number of stars increases.
There are some notable outliers in Fig. 2, particularly for
the highest number of stars. These outliers are caused by
the sampling of the initial stellar mass function with a fixed
number of stars, that continues beyond the intended Mstars
if N∗ is not yet reached. The gas that remains to form stars
varies between 5 and 240 M among simulations that have
the same initial conditions otherwise.
The median disc radius resulting from face-on accretion
decreases with increasing gas density. This is expected theoretically because, as discussed at the end of Sect. 2.2, the
Article number, page 5 of 14
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Table 1: Initial conditions for our simulations, which are defined by four parameters: The total mass of the cluster Mtot ,
the virial radius of the cluster, Rcluster , the number of stars, N∗ , which determines the fraction of mass in stars, and the
virial ratio, Qvir . We labelled several simulations for ease of reference.
Mtot [M ]
300
1000
3000

Rcluster [pc]
[0.1, 0.25, 0.5]
[0.1, 0.25, 0.5]
[0.1, 0.25, 0.5]

Model
Low-mass (LM)
Intermediate mass (IM)
High-mass (HM)
Trap30
Trap90

Mtot [M ]
300
1000
3000
1000
300

0.014 Trap30

Rcluster [pc]
[0.1, 0.25, 0.5]
0.25
[0.1, 0.25, 0.5]
0.25
0.25

N∗
610
[70, 230, 680, 2045]
2045
680
610

Qvir
0.5
0.5
0.5
0.5
0.5

120
100
σRdisc [AU]

0.010
0.008
0.006

80
60

0.004

40
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Fig. 1: (a): Relative distribution of disc radii at the end of the simulations (1 Myr) for our Trap30 simulations. Brown
corresponds to face-on accretion (FA), including ram pressure stripping, and green to truncation due to dynamical
encounters (DE). The distribution is based on all the disc radii in the ten simulations we have performed with these
parameters. The solid and dotted vertical lines in the corresponding colour indicate the median and mean disc radius,
respectively.(b): The standard deviation of the radius distribution versus the median disc radius for the IM simulations.
The colours correspond to the same process. Squares indicate the simulations with N∗ = 2045, diamonds the simulations
with N∗ = 680, triangles the simulations with N∗ = 230 and circles the simulations with N∗ = 70.
long-term evolution of an individual disc radius scales as
Rdisc ∝ τ −2/5 . Of the quantities that determine the value
of τ in Eq. 4, the typical velocities and surface densities are
similar in each simulation. Averaged over the whole population, only the mean gas density varies between IM simulations with different N∗ , so that we expect the approximate
edisc ∝ ρ−2/5 . In Fig. 2a the curve of the median
relation R
disc radii resulting from face-on accretion follows a slightly
edisc ∝ ρ−0.5 .
steeper trend with density, approximately R
The difference is due to ram pressure stripping becoming
more prominent at higher gas densities and causes additional truncation.
On the other hand, when only dynamical encounters
are accounted for, the median disc radius increases strongly
with the ambient gas density, that is, with decreasing stelArticle number, page 6 of 14

lar density as can be seen in Fig. 2b. In simulations with
the same total mass and radius, the change in stellar mass
fraction affects the number of encounters only via the stellar density, because the velocity dispersion remains almost
the same. At a stellar density of 1000 pc−3 the effect of
edisc = 400 AU, and at a
dynamical encounters is minor, R
stellar density of 6 × 103 pc−3 the effect of face-on accretion
on the disc sizes is still larger than the effect of dynamical encounters. Only for a stellar mass fraction of 90 % and
corresponding stellar density > 104 pc−3 , are dynamical encounters the dominant disc-truncation process. Even at the
lowest gas densities, face-on accretion reduces the averaged
median disc radius substantially, to 133 AU. This average is
determined by three outliers and the rest of the simulations
with the same initial conditions indicate that the effect of
both processes is comparable. Due to their low gas-mass
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Fig. 2: (a): The median disc radius at the end of the simulation plotted against the average gas density within the cluster
radius in the IM simulations. The colours and symbols correspond to the same process and number of stars as in Fig. 1.
The lines connect the averages of the ten simulations with the same parameters.(b): Same as in the left figure, but here
we plot the median disc radius against the stellar density. The legend applies to both panels.
fractions, these three outlying clusters are more dynamically evolved than the other seven clusters with the same
parameters, as can be inferred from the low stellar density
within the cluster radius at the end of the simulation.
These results show that the effect of dynamical encounters relative to face-on accretion becomes important once
the gas is (partly) expelled or star formation is very efficient.
3.1.3. Disc radii as a function of cluster radius and mass
In Fig. 3a we show the median disc radius as a function
of the stellar density for our HM simulations with three
different cluster radii. For a stellar mass fraction of 30 %,
these simulations have the highest stellar density at each
cluster radius. Fig. 3a shows that even at stellar densities ≥ 104 pc−3 , the process of face-on accretion leads to
smaller disc sizes than dynamical encounters. As the stellar
density increases with decreasing cluster radius, both the
gas density and velocity dispersion increase as well, which
enhances the effect of face-on accretion and ram pressure
stripping. The highest stellar density in Fig. 3a corresponds
to a gas density of 2×10−17 g/cm3 . This is at the high end of
what may be expected in the cores of star-forming regions
if the star formation efficiency increases with gas density.
These conditions illustrate that as long as the gas to stellar
mass ratio is & 2, face-on accretion is the dominant disctruncation process regardless of the stellar density. Only by
expelling gas or in case of more efficient star formation can
dynamical encounters become the dominant process if the
stellar density is sufficiently high. We find that for stellar
densities . 103 pc−3 , dynamical encounters do not alter
the disc radii, as was also shown in Rosotti et al. (2014)
and Vincke et al. (2015).
In Fig. 3b we show the results of our LM simulations
with three different cluster radii. These simulations correspond to a stellar mass fraction of about 90 %. The scatter
in the gas density between simulations with the same ini-

tial conditions is caused by the sampling of the initial mass
function and the resulting variation in the remaining gas
mass (as discussed in Sect. 3.1.2). The simulations with
Rcluster = 0.25 pc can be interpreted as representing either
the end of the embedded phase of the Trapezium cluster or
an efficiently formed Trapezium cluster. In these Trapezium analogue simulations, labelled Trap90, the stellar density is ≈ 5 × 103 pc−3 . The contributions of face-on accretion and dynamical encounters to the decrease in disc radii
are about equal in this case. In the most dense conditions,
that is, Rcluster = 0.1 and a stellar mass fraction of 90 %,
dynamical encounters are mildly dominant, but the contributions of both processes are still very similar and severe:
edisc . 50 AU. If dynamical encounters result in a median
R
disc radius of . 80 AU, they are very destructive and the
parameterisation we use for their radii may no longer apply. The LM simulations with Rcluster = 0.5 pc in Fig. 3b
show that even at gas densities . 10−20 g/cm3 the process
edisc = 327
of face-on accretion is still relevant, because R
AU.

Our simulations show that the stellar density has to
exceed a few times 103 pc−3 and simultaneously the stellar mass fraction has to be well above 30 % for dynamical
encounters to be at least equally important as face-on accretion in the disc truncation process. Even if dynamical
encounters are the dominant process, at stellar densities
exceeding 104 pc−3 and a stellar mass fraction of 90 %, the
influence of face-on accretion is still important. In these
compact clusters, the corresponding velocity dispersion also
enhances the effects of face-on accretion and ram pressure
stripping. Generally, dynamical encounters become more
important than face-on accretion in the regime where flyedisc . 100AU .
bys are very destructive, resulting in R
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Fig. 3: (a): The median disc radius at the end of the simulation plotted against the average stellar density within the
cluster radius in the HM simulations. The colours correspond to the same process as in Fig. 1, the symbols indicate the
different cluster radii. The lines connect the averages of the ten simulations with the same parameters.(b): The median
disc radius at the end of the simulation plotted against the average gas density within the cluster radius in the LM
simulations. The legend applies to both panels.
is therefore expected to be shifted to lower masses compared
to the initial distribution and for face-on accretion the distribution should be shifted towards higher masses. This is
demonstrated in Fig. 4. In all our simulations the median
disc mass resulting from face-on accretion is higher than
the median disc mass produced by dynamical encounters,
as we discuss in Sect. 3.2.1. As for the radius distribution,
fdisc , to characterise the
we choose the median disc mass, M
disc mass distribution. The median disc mass provides a
better correspondence to the peak in the distribution than
the mean disc mass, because the latter is determined by the
high end of the disc mass spectrum.

1.0
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Relative frequency
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FA

0.6
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0.0
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Fig. 4: Relative distribution of disc masses at the end of
our Trap30 simulations. Colours correspond to the previous figures. The initial disc mass distribution is shown in
black dashed bins. The distribution is based on all the disc
masses in the ten simulations we have performed with these
parameters. The solid vertical lines in the corresponding
colour indicate the median disc mass and the vertical dotted lines indicate the mean disc mass.

3.2. Disc masses
In Fig. 4 we show the distribution of disc masses in our
Trap30 simulations. The net effect of a dynamical encounter
is that the disc loses more mass than it accretes from the
disc of the other star. In the process of face-on accretion, on
the other hand, the discs generally gain mass as more mass
is swept up than is stripped by the ram pressure. The distribution of disc masses resulting from dynamical encounters
Article number, page 8 of 14

3.2.1. Disc masses as a function of the parameter space
Figs. 5a and 5b show the median disc mass as a function
of the gas and stellar density, respectively, for our IM simulations. These results correspond to the median disc radii
shown in Figs. 2a and 2b. The median disc masses resulting
from face-on accretion increase slightly with increasing gas
density. Applying similar reasoning as for the median disc
radius in Sect. 3.1.2, the median disc mass is expected to
fdisc ∝ τ 1/5 ∝ ρ1/5 , again assuming that averscale as M
aged over the population only the mean gas density varies
between IM simulations with a different number of stars.
When the curve for the median disc masses in Fig. 5a is fitted as a power-law of ρ, this gives an exponent of 0.07. The
increase in the median disc mass with density is slower than
theoretically expected, because ram pressure stripping is
more effective at high gas density, removing mass from the
discs and decreasing the median disc mass. For dynamical
encounters, the median disc mass decreases with increasing
stellar density, which is also expected theoretically. Yet the
increasing stellar density has only a very small effect on the
median disc mass once the stellar density & 5 × 103 .
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Fig. 6: Same as Figs. 3a and 3b but here we show the median disc mass in the (a) HM and (b) LM simulations.
Figs. 6a and 6b show the median disc masses for the
same simulations as shown in Figs. 3a and 3b. These figures illustrate that for either process, the cluster parameters have a small influence on the median disc mass. In
the HM simulations (Fig 6a), the median disc mass decreases with decreasing cluster radius for both processes
because both the ram pressure and stellar density increase
as the cluster radius decreases. In the HM simulations with
Rcluster = 0.1 pc, ram pressure stripping is so strong that
the median disc mass resulting from face-on accretion is
1.5 % lower than the initial median disc mass. In this particular case, the mass loss due to ram pressure stripping
cannot be compensated by the mass gain from face-on accretion. In the LM simulations in Fig. 6b, the ram pressure
is much lower and the median disc mass resulting from faceon accretion increases for more compact clusters that have
a higher density and velocity dispersion.
In general, we find that dynamical encounters lead to
disc masses that are lower than those predicted by face-on

accretion. Face-on accretion produces compact discs with a
high surface density, while dynamical encounters generally
result in larger and less massive discs.
3.3. Virial ratios
In the simulations discussed in the previous section, we assume that the stars and gas are initially in virial equilibrium. We also performed simulations with ‘cold’, that is,
Qvir = 0.1, and ‘warm’, Qvir = 1, initial conditions. The
simulations that start dynamically cold go through a phase
of contraction. This increases the stellar density and velocity dispersion. On the other hand, the simulations that
start dynamically warm expand from the beginning, which
causes the stellar density to decrease. In Fig. 7 we show
the mean disc radii and masses in our HM simulations with
Rcluster = 0.25 pc for the three virial ratios. For Qvir = 1
the stellar density is substantially lower at the end of the
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Fig. 7: (a): The median disc radius plotted against the stellar density within the cluster radius at the end of the HM
simulations with Rcluster = 0.25 pc for different virial ratios. (b): Same as in the left figure, but here we show the median
disc masses for the same simulations. The legend applies to both panels.
simulations and as a consequence the median disc radius
resulting from dynamical encounters is larger than in the
simulations in virial equilibrium. A virial ratio of Qvir = 0.1
leads to a higher stellar density at the end of the simulation and hence the median disc radius due to dynamical
encounters is smaller. The median disc mass for dynamical
encounters follows the same trend as a function of virial
ratio.
For face-on accretion, the median disc radius does not
depend strongly on the virial ratio but there is a slight
decreasing trend with decreasing virial ratio, that is, with
increasing velocity dispersion. Simultaneously, the median
disc mass increases with decreasing virial ratio. If the cluster contracts, the discs generally move through regions with
higher density with a higher velocity compared to a cluster
that expands. The discs are therefore able to sweep up more
gas when the initial conditions are cold.
In essence, if the initial conditions are supervirial
(Qvir = 1), then face-on accretion is the dominant process
in truncating the discs regardless of the other cluster characteristics we use in this work. Face-on accretion is also the
dominant process if the initial conditions are subvirial and
the stellar mass fraction is ≤ 30 %. Dynamical encounters
become dominant if the stellar mass fraction is well above
30 % and the cluster goes through a phase of contraction.

4. Discussion
4.1. Assumptions on accretion and mass loss
We kept the mass of the stars and the gas potential constant in our simulations. Here we discuss the consistency
of our simulations with this and our other assumptions on
accretion and mass loss.
We assume that the total gas mass in the cluster remains
constant in our simulations. In most simulations the net
effect of face-on accretion does not change the total gas
mass by & 1 %, except in the simulations with the highest
stellar-mass fraction. At most 20.9 % of the gas mass is
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accreted in one of these simulations (with Mtot = 3000 M ,
Rcluster = 0.1 pc, N∗ = 6135 and Qvir = 0.5). Dynamical
encounters are the dominant cause of disc truncation in this
regime, even if the effect of face-on accretion may have been
overestimated due to the presumed constant gas density
distribution. We therefore conclude that our results are not
affected by the assumption that the amount of gas remains
constant in our simulations.
Furthermore, the masses of the particles in the N -body
simulation remain constant during the simulation. Except
for the most compact simulations with the lowest stellar
mass fraction, the fraction of stars, including their discs,
that gain more than 10 % in mass is always less than 1 % in
our simulations that start in virial equilibrium. This small
fraction of stars is similar to what is found by Throop
& Bally (2008) who simulated Bondi-Hoyle accretion for
4 Myr with similar cluster parameters and a star formation efficiency of 33 %. In the compact virialised simulations with the lowest stellar mass fraction, at most 11.6 %
of the stars gained more than 10 % in mass in the simulations with Mtot = 1000 M , Rcluster = 0.1 pc, N∗ = 70 and
Qvir = 0.5. This fraction increases to a maximum of 38.7 %
in the initially subvirial simulation with Mtot = 300 M ,
Rcluster = 0.1 pc, N∗ = 20. A stellar mass fraction of
roughly 3 % is probably not realistic in such dense conditions (e.g. Bonnell et al. 2003; Burkert & Hartmann 2013)
and we have therefore not discussed these simulations in detail. We merely use them to investigate how either process
scales as a function of the initial conditions.
We do not account for Bondi-Hoyle accretion in our
simulations. Previous studies have modelled Bondi-Hoyle
accretion onto stars in clusters (e.g. Throop & Bally 2008;
Scicluna et al. 2014; Ballesteros-Paredes et al. 2015). They
find that the amount of accreted material scales with M∗2
and for solar-mass stars it is typically not more than a few
per cent of their initial mass, depending on the gas density
and velocity dispersion. If the Bondi-Hoyle radius of a star
is larger than its disc radius, the gravitational focusing of
gas by the star enhances the effective surface area for ac-
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cretion onto the disc. This increases the amount of gas that
is swept up by the disc. We tested this effect on our face-on
accretion model by correcting the mass flux for the gravitational focusing if the Bondi-Hoyle radius is larger than
the disc radius (Bisnovatyi-Kogan et al. 1979; Edgar 2004)
but this did not change our distribution of disc radii and
masses. Generally, the Bondi-Hoyle radius is smaller than
the disc radius in our simulations. In case the Bondi-Hoyle
radius is larger, the disc initially contracts faster and the
net effect on the disc radius and mass is similar after 1 Myr.
The amount of mass lost in a dynamical encounter is
probably overestimated by Eq. 2. Breslau et al. (2014) show
that the surface density profile is affected by a dynamical encounter. Their Fig. 1b shows that the surface density
within the cut-off radius can become higher than the initial
surface density profile. Unfortunately, the effect of dynamical encounters on the surface density profile cannot be easily
parameterised. For encounters between debris discs, Jílková
et al. (2016) showed that the minimum disc radius beyond
which particles can be unbound, Runb , is proportional to
the encounter pericenter and the mass of the accreting star
divided by the total mass of both stars, in case of lowinclination and low-eccentricity encounters. However, not
all material beyond this radius is lost from the disc. Their
parameterisation for Runb is similar to what we use for the
new disc radius in Eq. 1. The redundant mass lost from the
disc in our simulations is partly compensated by accretion
of material that is lost from the other disc in the encounter.
As long as there is net mass loss during an encounter, the
relative influence of dynamical encounters and face-on accretion on the median disc mass does not change in our
simulations.
4.2. Viscous forces
The viscous spreading of a protoplanetary disc makes it
more vulnerable to dynamical encounters and ram pressure
stripping. When a disc moves through an ambient medium,
the disc size is determined by the process of face-on accretion and ram pressure stripping at the outer edge, that
is, the disc cannot spread beyond a certain radius (Wijnen et al. 2016, 2017). For face-on accretion, neglecting
viscous spreading is therefore a fair assumption, as long as
the accretion time scale is shorter than the viscous time
scale. We verified that for the accretion time scales in our
simulations, this criterion is satisfied. In case of dynamical
encounters, the increasing cross-section of the disc resulting from viscous spreading would increase the probability
of a truncating encounter. However, during the embedded
phase, the viscous spreading would be inhibited as outlined
above. At the end of the embedded phase, viscous spreading
may become important and might increase the probability of dynamical encounters. Our simulations with a stellar
mass fraction of 90 % and stellar densities & 104 pc−3 show
that, by that time, the process of dynamical encounters
is dominant, without accounting for the viscous spreading.
Including viscous spreading at this stage may ease the constraint on the stellar density. However, initial results by
Concha Ramírez & Vaher (in prep.) find that gas expulsion
leaves the cluster in a supervirial state and including viscous spreading of the disc (according to the self-similarity
solutions of Lynden-Bell & Pringle 1974) does not increase
the number of truncations in an expanding cluster.

4.3. Drag forces
As the discs move through an ambient medium they experience a drag force exerted by the ram pressure, which
we have not taken into account. The part of the disc
that is tightly bound to the star, which is determined
by Rtr in Eq. 8, can decelerate the star. We can estimate the time scale on which the drag force operates as
2
τdrag = v/(dv/dt) ∝ M∗ /ρvRdisc
. For an 0.4 M star in
our Trap30 simulation, assuming an average disc radius of
200 AU, this corresponds to a velocity change of 5 % after 1 Myr. This time scale decreases with stellar mass but
less massive discs contract faster. The average effect on the
population is probably not larger than this 5 %, also considering that the disc of an 0.4 M is expected to be . 200
AU within 0.2 Myr in the centre of the Trap30 simulation.
4.4. Initial disc masses and radii
We have assumed relatively high disc masses of 0.1M∗ . The
masses of protoplanetary discs are observed to be of the
order of 0.01M∗ (Andrews & Williams 2005, 2007). These
estimates may be off by an order of magnitude but, in general, disc masses are probably not much higher than 0.1M∗ .
Assuming lower disc masses in our simulations would not
affect the relative influence of dynamical encounters on disc
sizes in this study (cf. Eq. 1). A similar reasoning applies
to the initial disc radii: Although the probability of experiencing a dynamical encounter depends on the initial disc
radius, the resulting disc radius does not. Assuming initially
larger disc radii would affect the tail of our distribution but
not the median disc radius (e.g. Fig. 2 in Vincke et al. 2015).
In case of face-on accretion, distributing a lower disc
mass over the same surface area, or the same disc mass
over a larger surface area, decreases the surface density of
the disc. As a result, the disc is more vulnerable to ram
pressure stripping and the disc contracts faster. If all other
conditions remain the same, then over long time scales the
2/5
2/5 −4/5
disc radius scales as τ −2/5 ∝ Σ0 ∝ M0 R0 , where M0
and R0 are the initial disc mass and radius (Sect. 2.2). For
a given disc mass, starting with an initial radius of 1000 AU
instead of 400 AU thus causes the disc to contract about
twice as fast. The same reasoning applies to assuming lower
disc masses, except that the scaling with disc mass in the
above reasoning is less strong. The truncation radius due
to ram pressure stripping also decreases with decreasing
initial surface density, although the dependence is weaker.
The relative importance of face-on accretion with respect to
dynamical encounters would therefore increase if the initial
disc radii were larger and/or disc masses were smaller.
4.5. Photoevaporation and winds
As discussed in the introduction, neglecting the effect of
external photoevaporation on the discs on a time scale of
1 Myr in an embedded cluster is probably a fair assumption. Winds from massive stars also affect the ambient gas
density. They can locally clear the gas and create lowdensity cavities. The density in these regions can be orders of magnitude lower than the average gas density in
the cluster. The wind velocity is three orders of magnitude
higher than the velocity dispersion of the clusters in our
simulations. Although the integrated mass flux on the disc
would be similar, the high temperature difference between
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4.6. Observational constraints
The process of dynamical encounters predicts a larger
spread in observed disc radii than face-on accretion. For
example, in the Trap30 simulations, the radius distribution
resulting from face-on accretion is concentrated around a
clear peak (cf. Fig. 1a), whereas the distribution produced
by dynamical encounters is much broader. In Fig. 8 we
compare the radius distributions of the Trap30 simulations
to observations of disc radii in the ONC. Vicente & Alves
(2005) assembled a sample of 149 protoplanetary discs out
of 300 young stellar objects, which they claim is complete
down to a disc radius of 50 AU. To compare to the observations, we only show the simulation results for stars with
a mass > 0.1 M , which roughly corresponds to the latest spectral type of the stars to which the discs could be
matched by Vicente & Alves (2005). The distribution resulting from face-on accretion is in better agreement with
the observed distributions. Based on the resolution limit of
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these ejecta and the disc may hamper efficient accretion.
Two-dimensional simulations of supernova ejecta interacting with a protoplanetary disc show that only 1 % of the hot
gaseous ejecta is intercepted by the disc, contrary to cold
gas and dust that is accreted very efficiently onto a protoplanetary disc (Ouellette et al. 2007, 2009, 2010; Wijnen
et al. 2016, 2017). Hence the integrated mass flux inside a
wind cavity could be smaller by a factor of 100. The time
scale on which these winds create cavities depends on the
most massive star in the cluster and thus on the realisation of the initial mass function. Simulations of embedded
clusters with N∗ = 1000 that take feedback into account
find that the impact of winds from massive stars on the
gas distribution becomes relevant on a time scale of 1 Myr
(Pelupessy et al. 2012), which is the duration of our simulations. The same authors find that supernovae are not
expected to play a role until an age of roughly 10 Myr.
The contraction of the disc caused by face-on accretion is
faster in the beginning when stellar feedback may not have
affected the gas distribution substantially yet. The winds
could also strip the discs from their outer regions because
of their high velocities.
We also neglect the influence of photoevaporation by
the host star on both processes. Dynamical encounters are
not affected by this process but the photoevaporative winds
from the disc and jets may influence the face-on accretion
process. Interaction between inflowing ambient gas and material from the star itself or evaporated disc material could
slow down face-on accretion onto the disc. The winds from
the star and the disc depend on the mass of the star and its
spectral energy distribution. Extreme-ultraviolet radiation
irradiates the inner few AU of the protoplanetary disc, while
X-rays and far-ultraviolet radiation induce photoevaporation at disc radii of tens of AU and & 100 AU, respectively
(e.g. Armitage 2011; Williams & Cieza 2011). Irradiation by
the central star may become dominant when the disc has
shrunk to radii . 100 AU. Photoevaporation can further
erode the disc from the inside out on time scales of 105 yr
after disc lifetimes of several Myr (we refer to e.g. Alexander et al. 2014, and references therein). The increased surface density due to face-on accretion could make the disc
more resistant against this erosion. Currently, these processes cannot be included in our models but they should be
accounted for in future studies.
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Fig. 8: Identical to Fig. 1a but here we exclude all stars with
mass ≤ 0.1 M and compare to the observational sample of
the ONC from Vicente & Alves (2005).
their data, Vicente & Alves (2005) estimate that 40 to 45
% of the discs in the Trapezium cluster have radii larger
than 50 AU. This agrees with what we find for the whole
simulated population in Fig. 1a. Excluding the very lowmass stars (≤ 0.1 M ) increases the median disc radius for
both processes by roughly 40 AU, because the discs of these
stars generally have small radii. This is also demonstrated
by the absence of the bin with the smallest radii for face-on
accretion in Fig. 8, when compared to Fig. 1a. The relative
influence of both processes is not affected by the inclusion
or exclusion of these stars in our analysis.
The clusters simulated in this work are generally more
dense than the observed band of young stellar clusters in
the mass-radius plane (e.g. Pfalzner et al. 2016) and N∗ radius plane (e.g. Kuhn et al. 2015). We have shown in
this work that lowering the stellar and gas density consistently, that is, decreasing the cluster mass for a given radius
or increasing the cluster radius for a given mass, increases
the influence of face-on accretion relative to dynamical encounters. The effect of face-on accretion can therefore be
expected to be even stronger with respect to dynamical encounters in the parameter space covered by the majority of
observed embedded clusters.
The initial conditions in this work are idealised but our
simulations illustrate that the relative importance of both
processes can be constrained by observations of disc radii.
Furthermore, the combination of such observations with
observations of the stellar and ambient gas density might
put constraints on the duration of the embedded phase of
clusters and their star formation efficiencies. A comparison
based on disc masses is less straightforward. As discussed in
Sect. 4.4, disc masses can only be estimated from observations to within a factor of 10. According to our simulations
this is not enough to distinguish between either process
based on the resulting disc masses.
4.7. Combined effect of dynamical encounters and face-on
accretion
The prescriptions for dynamical encounters and face-on accretion cannot be coupled consistently, because it is not
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evident how the mass that is accreted in a dynamical encounter should be accounted for in the face-on accretion
model. We performed test simulations that included the
combined effect of both processes by neglecting the mass
accreted in a dynamical encounter. These simulations show
that when face-on accretion is the dominant process, the
additional truncation caused by dynamical encounters on
the disc radius is marginal, unless the influence of both
processes is comparable. On the other hand, if dynamical
encounters are the dominant truncation mechanism then
face-on accretion further decreases the disc size.
The median disc mass that results from combining both
processes is always intermediate between the median disc
masses predicted by either process independently, whether
the mass that is accreted in a dynamical encounter is added
at the end of the simulation or not. The value of the median disc mass resulting from the combined effect of both
processes leans towards the value predicted by the process
that dominates the truncation of the disc radii.

5. Conclusions
By including the processes of face-on accretion and dynamical encounters in N -body simulations of embedded clusters,
we find that face-on accretion, including the effect of ram
pressure stripping, is dominant in truncating protoplanetary discs if the fraction of mass in stars is . 30 %, regardless of other cluster parameters. The stellar mass fraction
has to be well above 30 % and simultaneously the stellar
density has to exceed a few times 103 pc−3 in order for
dynamical encounters to have a comparable effect on the
truncation of the discs. Even at stellar densities & 104 pc−3
and for gas mass fractions . 10 %, face-on accretion has a
comparable effect to dynamical encounters, but in these
circumstances both processes are destructive, resulting in
median disc radii . 100 AU. We confirm the results from
previous studies that dynamical encounters require stellar
densities & 103 pc−3 to be effective at all (Rosotti et al.
2014; Vincke et al. 2015). This implies that dynamical encounters only become relevant compared to face-on accretion either (1) in clusters with stellar densities & 103 pc−3
and extremely high stellar mass fractions, & 90 % or (2) at
the end of the embedded phase of the cluster if the stellar
density is similar and discs have not yet shrunk sufficiently
due to face-on accretion. Our modelling of the face-on accretion process does not take viscous spreading of the disc
or photoevaporative winds from the star and disc into account, which may both reduce the contraction of the disc
due to face-on accretion. On the other hand, we have assumed massive discs with Mdisc = 0.1 M∗ , while lower-mass
discs that are subject to face-on accretion contract faster
and are more vulnerable to ram pressure stripping. Of the
available prescriptions for the effect of dynamical encounters on the disc radius, we use the one that results in the
smallest radius.
Face-on accretion leads to discs that are compact and
have a relatively high surface density. On the other hand,
dynamical encounters generally result in larger and less
massive discs.
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